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ABSTRACT
Low-mass population III (PopIII) stars of . 0.8M could survive up until the present. Non-
detection of low-mass PopIII stars in our Galaxy has already put a stringent constraint on the initial
mass function (IMF) of PopIII stars, suggesting that PopIII stars have a top-heavy IMF. On the
other hand, some claims that the lack of such stars stems from metal enrichment of their surface by
accretion of heavy elements from interstellar medium (ISM). We investigate effects of the stellar wind
on the metal accretion onto low-mass PopIII stars because accretion of the local ISM onto the Sun is
prevented by the solar wind even for neutrals. The stellar wind and radiation of low-mass PopIII stars
are modeled based on knowledge of nearby low-mass stellar systems including our Sun. We find that
low-mass PopIII stars traveling across the Galaxy forms the stellar magnetosphere in most of their
life. Once the magnetosphere is formed, most of neutral interstellar particles are photoionized before
reaching to the stellar surface and are blown away by the wind. Especially, the accretion abundance
of iron will be reduced by a factor of < 10−12 compared with Bondi-Hoyle-Lyttleton accretion. The
metal accretion can enhance iron abundance [Fe/H] only up to ∼ −14. This demonstrates that low-
mass PopIII stars remain pristine and will be found as metal free stars and that further searches for
them are valuable to constrain the IMF of PopIII stars.
Subject headings: early Universe — first stars — stars: low-mass — stars: Population III — stars:
abundances — stars: chemically peculiar
1. INTRODUCTION
Formation of first stars is one of the most important is-
sue in the modern cosmology. It has been revealed that
most of them are as massive as 10 − 1000M, on the
basis of ΛCDM cosmology (Omukai & Nishi 1998; Abel
et al. 2002; Bromm & Larson 2004; Yoshida et al. 2008;
Stacy et al. 2011; Hosokawa et al. 2011; Stacy et al. 2012;
Bromm 2013; Susa 2013; Susa et al. 2014; Hirano et al.
2014, 2015). However, these stars are unlikely to be di-
rectly observed even with the next generation facilities.
On the other hand, low-mass first stars could also
be formed via the fragmentation of the circumstellar
disk around the primary proto-first-stars (Clark et al.
2011a,b; Greif et al. 2011, 2012). If the fragments could
escape from the disk, they will survive to be low-mass
stars although the final fate of them is still under de-
bate (Machida & Doi 2013; Stacy et al. 2016; Hirano &
Bromm 2016). If these stars are less massive than 0.8M,
they survive up until the present to be found as low-mass
Population III (PopIII) stars in our Galactic halo.
The efforts to find the survived low-mass PopIII stars
have been made continuously since the last century, but
no such star has been found so far, although more than
105 halo stars have already surveyed (Frebel & Norris
2015, and the references therein). If this deficiency of
low-mass PopIII stars is intrinsic, the present observa-
tions have already put a rather stringent constraint on
the low-mass end of the initial mass function (IMF) of
PopIII stars (Hartwig et al. 2015; Ishiyama et al. 2016),
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which proves very different nature of primordial star for-
mation process from the present-day counterpart.
There is another interpretation of the lack of low-mass
PopIII stars. Their surface might be enriched by heavy
elements in interstellar medium (ISM). The pristine low-
mass PopIII stars travel across the Galaxy after their
formation and potentially accrete materials onto their
surface (Yoshii 1981; Iben 1983; Yoshii et al. 1995; Frebel
et al. 2009). Since the convective layer of these stars in
the main-sequence (MS) phase is shallow, the surface en-
richment could be responsible for the observed element
abundances even if the accreted masses of the metals
are small. Recent semi-analytical/numerical calculations
suggest that the surface of low-mass PopIII stars are nor-
mally stained by metals up to the level of [Fe/H] ∼ −5
(Komiya et al. 2015; Shen et al. 2016), and [Fe/H] ∼ −2
for the most extreme cases (Shen et al. 2016). These
results suggest that the low-mass PopIII stars could be
hidden in the observed metal poor stars.
However, these calculations assume Bondi-Hoyle-
Lyttleton (BHL) accretion of the ISM onto the star
(Hoyle & Lyttleton 1939; Bondi 1952) and ignore the
effects of the stellar magnetosphere (c.f., however, Vau-
clair & Charbonnel 1995; Johnson & Khochfar 2011).
For example, our Sun has the magnetosphere called ‘he-
liosphere’ extending out to & 120 AU ≈ 3× 104R (c.f.,
Burlaga et al. 2013; Gurnett et al. 2013; Krimigis et al.
2013; Stone et al. 2013; Burlaga & Ness 2016). Despite
the collisionless nature of the solar wind plasma, there
is a boundary called ‘heliopause’ that separates the so-
lar wind and the ISM plasmas electromagnetically (c.f.,
Colburn & Sonett 1966). As shown in Figure 1, the ion-
ized local ISM drapes around the heliopause and does
not accrete onto the Sun, while the neutral components
penetrate relatively freely into the heliosphere (e.g., Pat-
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terson et al. 1963).
Actually, neutral hydrogen, helium and even heavier
elements originated from the local ISM have been ob-
served around the Earth’s orbit rE = 1 AU (e.g., Bertaux
& Blamont 1971; Weller & Meier 1974; Mo¨bius et al.
2009). However, it is known that the abundance ratio at
rE is totally different from that of the original local ISM
(Bochsler et al. 2012) because the solar radiation field
and solar wind ionize the neutrals, and the efficiency of
the ionization processes depends on elements (c.f., Ax-
ford 1972). For example, neutral helium penetrates more
deeply inside the heliosphere (∼ 0.3 AU) than neutral hy-
drogen (∼ AU) because of the higher ionization potential
of helium than that of hydrogen.
Once the ‘originally neutral’ interstellar particles are
ionized inside the heliosphere, their behavior is rather
complicated. However, these ions are immediately
trapped by the magnetic field frozen into the solar wind,
i.e., they are blown away from the Sun rather than ac-
crete onto it (c.f., Wu & Davidson 1972; Vasyliunas &
Siscoe 1976; Isenberg 1986; Lee & Ip 1987). In the helio-
sphere, these ions have been directly observed as ‘pickup
ions’ (e.g, Mo¨bius et al. 1985; Gloeckler et al. 1993)
and as anomalous cosmic-rays (e.g., Garcia-Munoz et al.
1973; Fisk et al. 1974).
The existence of the heliosphere prevents the simple
BHL accretion of the neutral ISM particles onto the Sun.
We extend this discussion to low-mass PopIII stars. Ac-
cretion of heavy elements from the ISM onto PopIII stars
is not so simple as in the previous studies.
In this paper, we examine the accretion rate of heavy
elements onto low-mass PopIII stars, taking special care
of the wind from the star and the ionization of the neu-
trals in the ISM. In Section 2, we model the wind of low-
mass PopIII stars and the surrounding ISM, and study
the condition in order to form the magnetosphere around
the stars. In Section 3, we investigate photoionization of
the neutral ISM by the stellar radiation, and obtain the
fraction which attains to the stellar surface. Discussions
for further studies are made in Section 4 and we con-
clude this paper in Section 5. Throughout this paper,
the steady and spherically symmetric wind zone is as-
sumed, although we take into account the variations of
stellar wind and the surrounding ISM parameters.
2. FORMATION OF MAGNETOSPHERE BY STELLAR
WIND
We consider a star moving through the ISM of a density
nISM with a relative velocity of vrel. The interaction be-
tween the stellar wind and the ISM forms at least three
thermodynamically distinct regions (Figure 1): (i) the
cold supersonic stellar wind, (ii) the hot subsonic stellar
wind (shocked stellar wind), and (iii) the surrounding
ISM. The regions (i) and (ii) are separated by the termi-
nation shock, whose radius is RTS, and the regions (ii)
and (iii) are separated by the contact discontinuity. If vrel
exceeds the sound velocity of the ISM, the bow shock
is formed (dashed line). This hydrodynamical picture
is mediated by the magnetic field and then the neutral
components of the ISM can cross the boundaries.
Before discussing the fate of the neutral interstellar
particles (NISPs) penetrating into the magnetosphere
(the region (i)), we should study whether the magne-
tosphere is formed around the low-mass PopIII stars or
Fig. 1.— Schematic picture of a stellar magnetosphere. We
consider a star moving through the ISM of a density nISM with a
relative velocity of vrel. The interaction between the stellar wind
and the ISM forms at least three thermodynamically distinct re-
gions (i) − (iii). The region immediately around the star is the
supersonic wind zone and is assumed to be almost spherical (re-
gion (i)). The wind is shocked and the hot subsonic wind zone is
formed (region (ii)). These red region is made of plasma supplied
from the central star, while the blue region is made of the ISM
plasma (region (iii)). The contact surface between these different
plasma is called heliopause in the case of the Sun. The ionized
particles do not across the contact surface, while the neutral inter-
stellar particles can penetrate into the magnetosphere.
not. If the stellar wind is not strong enough, the ISM ac-
cretion flow shrinks the magnetosphere, reachs the stellar
surface and enrichs it with heavy elements. Based on the
model described in Section 2.1, we estimate critical ISM
densities to shrink the magnetosphere against the stellar
wind in Section 2.2.
2.1. Model
2.1.1. Low-mass PopIII Stars
We study low-mass PopIII stars whose mass is M? ≤
0.7 M because they are in the MS phase during the
cosmic history. The stellar models are adopted from
Marigo et al. (2001) for 0.7 M zero-metallicity star
(Z = 0), while, for the stars of smaller masses, we adopt
Z = 0.0004 stars from Girardi et al. (2000). Figure 2
shows the key stellar parameters used in this paper; ef-
fective temperature Teff , stellar radius R?, and the Ke-
pler frequency ΩK? ≡
√
GM?/R3?, where G is the grav-
itational constant. The two lines of 0.7 M stars with
different metallicities are fairly close to each other so that
we also call the Z = 0.0004 stars as low-mass PopIII stars
below.
Although the stellar parameters slightly change with
time, we take the zero-age-main-sequence (ZAMS) values
as the fiducial values. 0.8 M stars from Marigo et al.
(2001) are also marginally in the MS phase at an age
of 13.8 Gyr but R? at 13.8 Gyr is about an order of
magnitude larger than that at ZAMS phase. We do not
show the result for 0.8 M PopIII stars in this paper, but
it is easy to extend the present study to the heavier mass
of > 0.8 M and also other stellar models. Generally,
the metal accretion onto stars are more difficult for more
massive stars.
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Fig. 2.— Evolution of effective temperature Teff (top panel),
stellar radius R? (middle panel) and the Kepler frequency at the
stellar surface ΩK? (bottom panel) for different masses, 0.7 (red),
0.6 (blue), 0.4 (green) and 0.2 M (yellow). Red solid line is taken
from Marigo et al. (2001) for 0.7 M zero-metallicity star (Z = 0:
solid lines), while dashed lines are Z = 0.0004 stars taken from
Girardi et al. (2000). However, the evolution of both Teff , R?
and ΩK? is almost identical for Z = 0 (red solid) and 0.0004 (red
dashed) for the case of 0.7 M. The values of our Sun are shown
in grey lines for example. The shaded region is the age larger than
the universe (13.8 Gyr) and the life-time of the star of ≥ 0.8M is
less than the age of the universe.
2.1.2. Stellar Wind
We apply the stellar wind model of low-mass MS stars
to low-mass PopIII stars. However, in contrast to the ra-
diation driven wind from high-mass MS stars, the wind
acceleration mechanism for low-mass MS stars is not fully
understood, while some possible models are suggested
(e.g., Suzuki & Inutsuka 2005; Matsumoto & Suzuki
2014; van Ballegooijen & Asgari-Targhi 2016). Although
a direct detection of the stellar wind from low-mass MS
stars has not been made, evolution of the stellar rota-
tion period (e.g., Barnes 2003; Bouvier et al. 2014; Matt
et al. 2015) and also some indirect evidences of the stel-
lar wind (e.g., Gaidos et al. 2000; Kislyakova et al. 2014;
Wood et al. 2014) indicate that they have a magnetized
wind which extracts their angular momentum (c.f., We-
ber & Davis 1967).
In this paper, we impose that all the low-mass PopIII
stars have a simple steady spherical stellar wind whose
density and velocity profiles are
nsw(r) = nsw?
(
r
R?
)−2
, vsw(r) = vsw?, (1)
respectively (e.g., Talbot & Newman 1977). Equation (1)
approximately describes the thermal driven supersonic
outflow beyond the sonic point (Parker 1958). In the
case of the solar wind, the normalizations (nsw?, vsw?)
of Equation (1) are obtained from the observed values
at the Earth’s orbit. Although, in addition to the time-
variabilities, the significant heliolatitude structure of the
solar wind is known (e.g., Phillips et al. 1995; Soko´ l et al.
2013), we adopt the value of the slow wind, nsw(rE) =
5 cm−3 and vsw(rE) = 400 km s−1 as the fiducial values
(e.g., King & Papitashvili 2005; Bzowski et al. 2013b).
For the value of vsw? of low-mass PopIII stars, we
adopt the solar value irrespective of the stellar mass,
i.e., vsw? = 400 km s
−1. The wind is supersonic and
its velocity should be higher than the sound velocity of
their coronas ∼ 300 km s−1 for the temperature of ∼
keV (e.g., Gu¨del 2004; DeWarf et al. 2010). The wind
velocity would be comparable with the escape velocity
from stars vesc?, or precisely, that from the coronal ra-
dius ∼ a few R?. The values of vesc? ≡
√
2R?ΩK?
calculated from the stellar model of Figure 2 are simi-
lar among different masses and fall within the range of
600 km s−1 < vesc? < 700 km s−1. The solar value is
vesc ≈ 620 km s−1.
The value of nsw? is found from the observations of the
mass loss rate M˙? combined with vsw? = 400 km s
−1.
However, M˙? for low-mass MS stars is difficult to ob-
serve because it is low. For example, the mass loss
rate of the Sun is only M˙ = 4pir2Empnsw(rE)vsw ∼
10−14 M yr−1, where the main component of the stel-
lar wind is set to hydrogen throughout this paper. The
mass loss rate of M˙? = M˙ is taken as the fiducial value,
irrespective of the mass of low-mass PopIII stars. On the
other hand, the mass loss rate of low-mass MS stars does
not only depend on their mass but also depends on their
rotation, age and magnetic field. For example, a series
of observations (Wood et al. 2001, 2002, 2005, 2014) in-
dicates 0.1M˙ < M˙? < 100M˙ for some low-mass MS
stars. We take into account an order of magnitude vari-
ation of nsw? around the fiducial value as an uncertainty
of the mass loss rate.
2.1.3. Surrounding Interstellar Medium
The termination shock of our solar system is located
about 100 AU away from the Sun (Burlaga et al. 2005;
Decker et al. 2005; Gurnett & Kurth 2005; Stone et al.
2005), which is consistent with the estimate from the
pressure balance condition between the solar wind ram
pressure ≈ mpnsw(r)v2sw and the interstellar magnetic
pressure with BISM ≈ 5 µG (e.g., Axford et al. 1963;
Thomas 1978; Rand & Kulkarni 1989). Although the
total pressure of the local ISM around the Sun is domi-
nated by the magnetic pressure, the situation depends on
stellar environments. Especially, the ram pressure of the
local ISM can be much higher than the magnetic pres-
sure for large nISM and vrel, and has potential to be large
enough to shrink the termination shock radius RTS down
to the stellar radius R?.
We assume BHL accretion of the surrounding ISM
(Hoyle & Lyttleton 1939; Bondi 1952; Shima et al. 1985).
Introducing the critical impact parameter for BHL accre-
tion ξBHL = 2GM/v
2
rel = R?(vesc?/vrel)
2, the BHL accre-
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tion rate is written as M˙BHL = piξ
2
BHLmpnISMvrel, where
the main component of the ISM is also set to hydrogen
throughout this paper. To be precise, we should write√
v2rel + c
2
s instead of vrel in the expressions of ξBHL and
M˙BHL, where cs is the sound velocity of the ISM. For
vrel → 0, M˙BHL approaches spherical Bondi accretion.
The density and velocity of the accretion flow are (c.f.,
Bisnovatyi-Kogan et al. 1979; Edgar 2004)
nHL(r, θ, ξ) =
nISMξ
2
r sin θ(2ξ − r sin θ) , (2)
vHL,r(r, θ, ξ) = −
√
v2rel
(
1− ξ
2
r2
)
+ v2esc?
R?
r
, (3)
where ξ is an impact parameter, and the boundary con-
ditions nISM and −vrel are given at r →∞ and θ → pi.
For example, the local ISM of our Sun is nISM ∼
0.2 cm−3 and vrel ∼ 20 km s−1 at present (c.f.,
Heerikhuisen et al. 2014) and Shen et al. (2016) found,
in their numerical simulations, that the environment of
low-mass PopIII stars is nISM . 102 cm−3 and vrel .
200 km s−1 in their entire life. As fiducial values, we
adopt nISM = 1 cm
−3 and vrel = 200 km s−1, where
the former corresponds to the average ISM density (e.g.,
Draine 2011) and the latter corresponds to the typical ve-
locity dispersion of the Galactic halo (metal poor) stars
(e.g., Chiba & Beers 2000), respectively. Note that the
sound velocity of the ISM cs ≈ 20 km s−1 is much smaller
than vrel of halo stars (e.g., Draine 2011).
2.2. Results
We presume the hydrodynamic interaction of the sur-
rounding ISM and the stellar wind in this section, i.e.,
we regard the surrounding ISM as fully ionized in this
section. The radius of the termination shock RTS is ob-
tained by equating the ram pressures of the stellar wind
and the accretion flow. Considering the accretion flow
almost along with the axis (sin θ = ξ/r  1), RTS would
be calculated from the condition
nsw?v
2
sw?
(
R?
RTS
)2
≈nISM
(
v2rel + v
2
esc?
R?
RTS
)
. (4)
Following Talbot & Newman (1977), we require the
condition RTS > ξBHL for the formation of the magneto-
sphere (see also Section 4 for this condition). The critical
density for magnetosphere formation becomes
ncrit≡ nsw?
2
v2sw?v
2
rel
v4esc?
≈104 cm−3
(
nsw?
7.0× 105 cm−3
)( vsw?
400 km s−1
)2
( vrel
200 km s−1
)2 ( vesc?
680 km s−1
)−4
(5)
where we adopt the parameters of a 0.7 M PopIII star.
When nISM < ncrit, there is the magnetosphere extend-
ing RTS > ξBHL(> R?) around the star.
Allowing an order of magnitude variation of nsw? (M˙?),
the critical ISM density is 103 cm−3 . ncrit . 105 cm−3.
Although ncrit decreases with vrel, vrel  200 km s−1 is
expected only in the early universe (see discussion in Sec-
tion 2.3.1). Note that Equation (5) is essentially the same
as Equation (26) of Talbot & Newman (1977), where they
ignored the second term of the left-hand side of Equation
(4).
According to the results of Shen et al. (2016), the
density of the ISM around low-mass PopIII stars is
nISM . 102 cm−3  ncrit, i.e., they always have the
magnetosphere extending to RTS/R? > 10
2 from Equa-
tion (4). Because it is difficult to resolve the region
nISM > ncrit by the current cosmological simulations, the
metal enrichment by the ‘ionized’ ISM is hardly expected
for the simulation done by Shen et al. (2016). However,
we know that the ISM does have such dense region like
molecular clouds, we discuss the accretion from the re-
gion nISM > ncrit below.
2.3. Discussion
2.3.1. Accretion from Overdense Regions
Introducing the probability distribution function
(PDF) of the ISM density P (n, t) and the metallicity dis-
tribution Z(n, t), we write the amount of the accretion
metal mass
MZ,acc =
∫
dt
∫ ∞
ncrit(t)
dnP (n, t)Z(n, t)M˙BHL(n, t). (6)
In general, the mass of the stellar convective layer
Mconv = fconvM? is much larger than the total ac-
cretion mass, where fconf ∼ 10−3 for M? = 0.7 M
(Yoshii 1981). The present metal abundance acquired
by BHL accretion would be estimated as [Z/H]acc ≈
log(MZ,acc/Mconv). Shen et al. (2016) evaluated Equa-
tion (6) numerically but they set ncrit = 0, i.e., the case
of no stellar wind.
The evaluation of Equation (6) is fairly difficult in both
numerical and analytical ways. The density PDF of the
ISM stems from its multi-phase nature, and high-density
clouds are formed as a result of highly nonlinear physics
including shocks, turbulences, thermal instability, self-
gravity, and also magnetic field (c.f., Koyama & Inut-
suka 2000, 2002; Inoue & Inutsuka 2008, 2009, 2012; Hen-
nebelle et al. 2008; Banerjee et al. 2009). The thermal
instability is important for the initial fragmentation of
the diffuse ISM and depends on metallicity of the ISM
(Inoue & Omukai 2015). For metallicity distribution,
Z(n, t) is increasing function of t and would be decrease
function of n in the early universe (e.g., Ritter et al. 2012;
Smith et al. 2015; Chen et al. 2016)
Despite the above difficulties, Johnson & Khochfar
(2011) have studied metal enrichment of low-mass PopIII
star MZ,acc taking into account a finite ncrit obtained by
Talbot & Newman (1977). They considered high redshift
(z ∼ 10) universe because the slower relative velocity vrel,
i.e., larger M˙BHL and smaller ncrit, than the present is
expected. They found that an encounter probability of
a star with a dense cloud is less than 0.1 and, in addi-
tion, metal enrichment by one interaction of a star with
a dense cloud is only [Fe/H]JK11 ∼ −6 even adopting
an order of magnitude larger metallicity Z ∼ 10−2Z of
the surrounding ISM from Shen et al. (2016) than their
Equation (12). [Fe/H]JK11 is marginal or insufficient to
explain the observed lowest [Fe/H]∼ −5 (Christlieb et al.
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2004; Aoki et al. 2006; Caffau et al. 2011; Frebel et al.
2015).
2.3.2. Roles of Neutrals
Equation (4) is applicable for the ionized component
of the ISM. The average ionization fraction of the ISM is
only ∼ 0.1 (e.g., He et al. 2013) and the ionization frac-
tion is much lower than the average at dense regions like
molecular clouds (e.g., Draine 2011). The simple hydro-
dynamical interaction between the mostly neutral ISM
and the fully ionized stellar wind would be inappropri-
ate treatment because they are collisionless as depicted
in Figure 1 (see also discussion in Section 4). Accretion
of NISPs penetrating into the magnetosphere will be dis-
cussed in Section 3.
3. PHOTOIONIZATION OF NISPS PENETRATING INTO
MAGNETOSPHERE
In the previous section, we focus on the interaction
between the stellar wind and the ionized components of
the ISM in terms of the formation of the magnetosphere.
As is already shown in Figure 1, even if the termination
shock of the stellar wind is formed, i.e., nISM < ncrit,
NISPs go through the magnetosphere and has the accre-
tion trajectory described in Equation (2). However, by
approaching the stellar surface, they are suffered from
the ionization processes, especially photoionization. Be-
fore studying photoionization of NISPs penetrating into
the magnetosphere, we briefly mention the fate of NISPs
ionized inside the magnetosphere.
3.1. Model
3.1.1. Trapping Ionized NISPs into Stellar Wind
The magnetic field of the stellar wind Bsw plays a cru-
cial role in trapping of NISPs into the stellar wind. Once
NISPs are ionized inside the magnetosphere, they are ac-
celerated by the motional electric field of the stellar wind
E = −(vsw − vHL)/c×Bsw and gyrate around the mag-
netic field in the frame of the stellar wind, where c is the
speed of light. The ratio of the gyro-radius rg of a singly
ionized iron (FeII) to the stellar radius is
rg,FeII(R?)
R?
≈10−5
(
Bsw?
1 G
)−1(
ΩK?
10−3 rad s−1
)
, (7)
where we assume vesc?  vrel in order to evaluate the
momentum of an FeII ion. Note that an FeII ion has
the largest mass-to-charge ratio, i.e., the largest gyro-
radius, among the ions of our interest. The magnetic field
strength at the solar surface is Bsw ∼ 1 G on average
and that at rE is∼ 10 µG. Although the ratio rg,FeII(r)/r
would increase with r, only rg,FeII(R?)/R?  1 is enough
to trap ionized NISPs before reaching the stellar surface.
Equation (7) indicates that a few orders of magnitude
smaller surface magnetic field than that of the Sun can
trap the photoionized NISPs into the stellar wind. Be-
low, we presume that low-mass PopIII stars have the sur-
face magnetic field which satisfies rg,FeII(R?)/R?  1. In
addition, the stellar wind has the power large enough to
blown all the ionized NISPs away because we consider a
situation nISM < ncrit. What we need to study is only
whether NISPs are ionized before reaching the stellar sur-
face or not.
3.1.2. Ionization Processes
NISPs are suffered from photoionization by stellar ra-
diation, from ionization by charge exchange with stellar
wind ions (mainly proton), and from electron impact ion-
ization by stellar wind electrons (c.f., Zank 1999). Pho-
toionization is the dominant ionization process for heavy
elements in the heliosphere (c.f., Cummings et al. 2002),
and we study this process in the magnetosphere of low-
mass PopIII stars. The latter two ionization processes
are less investigated (c.f., Bzowski et al. 2013a) and omit
them in this paper for simplicity. We will give the ion-
ization rates by charge exchange for some elements in
Section 3.3.2 just for reference.
The local photoionization rate for the ith element is
given by
βph,i(r) =
∫
dλN˙λ(r)σph,i(λ), (8)
where N˙λ(r) is the specific photon number flux density
and σph,i(λ) is the photoionization cross section for the
neutral ith element. Here, we adopt the fitting formula
of σph,i(λ) from Verner et al. (1996).
Assuming that the entire stellar surface has a uniform
and isotropic specific intensity Jλ (e.g., Rybicki & Light-
man 1979), we obtain
N˙λ(r) =pi
(
R?
r
)2
Jλ
hν
, (9)
where ν = c/λ, h is the Planck constant. We obtain the
inverse square r-dependence of βph,i(r) from Equation
(9) as
βph,i(r) =βph?,i
(
R?
r
)2
, (10)
βph?,i≡
∫
dλ
piJλ
hν
σph,i(λ). (11)
No depletion of photons by phoionization is assumed for
this inverse square r-dependence. The mean free path for
the extreme ultraviolet (EUV) photons are more than
100 AU for the neutral density of a few cm−3 because
σph,i . 10−17 cm2 (c.f., the left panel of Figure 3).
3.1.3. Stellar Radiation
The stellar spectrum Jλ is important for the estimate
of βph?,i, since the first ionization potentials of all the
elements are in EUV wavelength, i.e., the Wien regime
of the blackbody spectrum for low-mass PopIII stars (see
the top panel of Figure 2). Here, we model the spectrum
of low-mass PopIII stars based on the spectra of the Sun
and low-mass MS stars.
In the left panel of Figure 3, we show the spec-
tral energy distribution (SED) of the Sun λLλ, ≡
4pir2EλFλ(rE). Fλ(rE) = hνN˙λ(rE) is the observed
specific solar flux density at the Earth’s orbit (Lean
1991; Woods et al. 2005; Caspi et al. 2015). In order
to illustrate the relevant wavelengths for photoioniza-
tion, the photoionization cross sections for hydrogen, he-
lium, lithium, and iron are overplotted with dotted lines
(Verner et al. 1996). While the spectrum is very well ap-
proximated by the 5770 K blackbody & 400 nm, there are
6 S. J. Tanaka, G. Chiaki, N. Tominaga, & H. Susa
1024
1026
1028
1030
1032
1034
100 101 102 103 104
10-19
10-18
10-17
H
He
Li
Fe
Po
w
er
 [e
rg/
s]
σ
ph
 
[cm
2 ]
λ [nm]
Obs
Model
5770K BB
10-5
10-4
10-3
10-2
10-1
100
101
102
103
H He Li Be B C N O F Ne Na Mg Al Si S Ar Ca Fe
β p
h 
⊙,
i 
[s-
1 ]
Obs
Model
5770K BB
Fig. 3.— (Left): Observational data of the solar spectrum (red line) is taken from Lean (1991); Woods et al. (2005); Caspi et al.
(2015). The photoionization cross sections for hydrogen, helium, lithium and iron are overplotted in dotted lines (Verner et al. 1996). The
spectrum responsible for photoionization does not agree with the 5770K blackbody (blue line: pi(r/rE)2Bλ(5770K)). Green line shows
the model spectrum for UV radiation from the Sun (Equation (12) with Teff = 4721 K and LEUV,λ = 10
25 erg s−1 nm−1). (Right): The
photoionization rates βph,i (Equation (8)) for all the elements that the photoionization cross sections are given by Verner et al. (1996).
Three different rates for each element correspond to the three difference of the radiation spectra in the left panel.
heavily absorbed features and many emission lines of the
heavy elements at 100 nm. λ . 400 nm (e.g., Lean 2000;
Curdt et al. 2001; Fro¨hlich & Lean 2004). On the other
hand, the emission below 100 nm is far dominated over
the 5770 K blackbody by the power-law-like component
originating from the chromosphere, transition region and
corona. The spectrum between 1 − 100 nm seems to be
approximated by the flat spectrum (e.g., Figure 1 of Er-
molli et al. 2013).
Before modeling SED of low-mass PopIII stars, in or-
der to study effects of these complex spectral features at
. 400 nm, we calculate the photoionization rate of our
Sun for the following three cases of the radiation spec-
tra: (1) the observed spectrum (red in both left and right
panels of Figure 3), (2) the model spectrum (green) and
(3) the 5770 K blackbody (blue). The radiation at &
250 nm does not contribute photoionization for all the
elements listed in the right panel of Figure 3. For the
model spectrum (green), we fit the absorbed spectral fea-
ture at 130 nm ≤ λ ≤ 250 nm with the Planck spectrum
pi(r/rE)2Bλ(Tˆ ) and obtain Tˆ = 4721± 15 K. At . 130
nm, we adopt the flat spectrum Lλ = LEUV,λ, which we
call the EUV component hereafter. We set the normal-
ization as λLEUV,λ = 10
27 erg s−1 at λ = 100 nm (see
discussion below).
The right panel of Figure 3 shows the resultant βph,i
for the three different radiation spectra. The differ-
ences of βph,i between the observed (red) and the model
(green) spectra is less than an order of magnitude and
we find that this crude model for the EUV component
is sufficient for order-of-magnitude estimates of βph?,i.
The photoionization rate calculated by the 5770 K black-
body spectrum (blue) is far different from the observation
(red), especially for the elements with the high ionization
potential, such as noble gases. On the other hand, for
the 5770 K blackbody spectrum, some elements includ-
ing lithium, aluminum, calcium, and iron have higher
photoionization rates than for the case of the observed
spectrum.
We assume that low-mass PopIII stars also have the
EUV component in their SED. The origin of the low-mass
stellar wind would be closely related with the stellar X-
ray emission through the coronal heating and the turbu-
lent activity of the stellar convective layer (e.g., Cranmer
& Saar 2011; Suzuki et al. 2013). In the case of the Sun,
the EUV component seems to have a peak at ∼ 100 nm
and its luminosity is almost the same as the power of the
solar wind Lsw ≈ M˙v2sw ∼ 1027 erg s−1. Interest-
ingly, even the α Centauri system, which is the closest
star system, harbors a solar-type star of the similar both
X-ray luminosity (DeWarf et al. 2010) and M˙? (Wood
et al. 2001) with those of the Sun. In addition, the X-ray
luminosity of young solar-type stars have been observed
and some have three orders of magnitude higher X-ray
luminosity than that of the Sun (c.f., Gu¨del et al. 1997;
Gu¨del 2004). The analyses by Linsky et al. (2013, 2014)
indicate that the EUV luminosity correlates positively
with the X-ray luminosity for low-mass (F5 − K5) MS
stars. Note that Linsky et al. (2014) found the positive
correlation of the EUV luminosity with the Lyα lumi-
nosity for some low-mass MS stars and the Sun has the
smallest Lyα luminosity among them. Considering these
facts, it is reasonable to assume that low-mass PopIII
stars also have the EUV component of similar with or
even higher flux level than the Sun.
In this paper, we assume that the specific intensity of
low-mass PopIII stars is
piJλ=piBλ(Teff) + FEUV,λ, (12)
FEUV,λ≡ LEUV,λ
4piR2?
. (13)
For low-mass PopIII stars, we expect that the Wien
regime of their blackbody spectrum has no absorbed
features by metals because their atmosphere is also
metal free. The fiducial value of the EUV compo-
nent is set to the same level as the Sun λLEUV,λ =
1027(λ/100 nm) erg s−1 at λ = 100 nm, or LEUV,λ =
1025 erg s−1 nm−1 independent from λ (flat spectrum).
Within the assumption of the flat spectrum of the EUV
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component, the contribution of the EUV component to
βph?,i is exactly proportional to the value of FEUV,λ. We
remark that our model can be applicable to different stel-
lar models (Teff , R?) and values of LEUV,λ.
3.1.4. Rate Equation
Solar-type stars are capable to form the ionized en-
vironment although the region is inside their magneto-
sphere being different from that around massive stars
(Stro¨mgren 1939). We consider the ionization of NISPs
drifting into the magnetosphere of low-mass PopIII stars.
For simplicity, we study NISPs whose trajectory is along
the line of the stellar motion, i.e., zero impact parameter,
from the upwind direction. This specific trajectory gives
a lower limit on the ionization fraction of NISPs inside
the magnetosphere because this minimizes the duration
of the interaction between NISPs and ionizing photons.
The orbit is a simple one-dimensional motion in the stel-
lar gravitational field
v(r) =−
√
v2∞ + v2esc?
R?
r
. (14)
We take the boundary condition of v∞ = vrel. In Equa-
tion (14), we do not include the radiation pressure force
because it is negligible at least for some heavy elements
(c.f., Braske´n & Kyro¨la¨ 1998; Soko´ l et al. 2015).
The ionization state is calculated from the rate equa-
tion. We use the steady state approximation for simplic-
ity. Note that, for the case of our Sun, effects of the solar
variabilities on the ionization rate are less than a factor of
two (c.f., Figure 3 of Bzowski et al. 2013a). The density
of the ith element of NISPs ni(r) is obtained from
v(r)
dni(r)
dr
=−βph,i(r)ni(r), (15)
where the recombination processes are omitted because
the radiative and dielectric recombination rates are much
lower than the ionization rate (c.f., Grzedzielski et al.
2010). We can roughly estimate the recombination
rate using the recombination coefficient αrec, which are
smaller than . 10−12 cm3 s−1 at 104 K for the listed
elements (Table 14.7 of Draine 2011). We set the tem-
perature of the stellar wind of ≈ 104 K (e.g., for the solar
wind, Wu & Judge 1979; Burlaga et al. 2002), although
the stellar wind electrons move supersonically with re-
spect to NISPs. Using nsw ≈ 2.3×105 cm−3, we obtain
the recombination rate αrecnsw . 10−6 s−1 that is much
lower than the photoionization rate βph,i & 10−3 s−1
(the red bars in the right panel of Figure 3). Thus, for
simplicity, we neglect the recombination process in Equa-
tion (15).
We obtain the analytic solution of Equation (15),
ni(r)
nISM,i
= exp
[
−
√
2βph?,i
ΩK?
(√
v2rel
v2esc?
+
R?
r
− vrel
vesc?
)]
.(16)
Although the neutral fraction ni(r)/nISM,i increases with
vrel, the accretion rate itself is fairly small M˙BHL ∝ v−3rel
when vrel is large. For vrel  vesc?, the fraction of NISPs
accreting onto the stellar surface is approximated as
n?,i
nISM,i
≈ exp
(
−
√
2βph?,i
ΩK,?
)
. (17)
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Fig. 4.— The photoionization rate by the blackbody radiation
is plotted for different elements. He, F, Ne, and Ar are not found
in the plot because their βBB,i(T ) are too small.
TABLE 1
The photoionization rate by the EUV component for
different elements. LEUV?,λ = 10
25 erg s−1 nm−1 and
R? = R are adopted.
Element i βEUV,i [s−1]
H 9.1× 10−4
He 4.1× 10−4
Li 3.0× 10−3
Be 1.1× 10−3
B 8.8× 10−3
C 6.1× 10−3
N 3.4× 10−3
O 2.7× 10−3
F 1.7× 10−3
Ne 1.1× 10−3
Na 1.3× 10−4
Mg 5.7× 10−4
Al 3.4× 10−2
Si 2.5× 10−2
S 1.8× 10−2
Ar 6.6× 10−3
Ca 4.0× 10−3
Fe 3.0× 10−3
The ratio βph?,i/ΩK? is needed to be smaller than unity
for accretion of the considerable fraction of NISPs.
3.2. Results
3.2.1. Photoionization Rate
The rates of photoionization by the blackbody and the
EUV components are calculated separately. We rewrite
Equations (11) and (12) into
βph?,i=βBB,i(T )
+βEUV,i
(
LEUV?,λ
1025 erg s−1 nm−1
)(
R?
R
)−2
.(18)
The rate by the blackbody βBB,i(T ) is only a function
of temperature T and the calculated values for different
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Fig. 5.— The radial density profile of the neutral particles pene-
trating into the stellar magnetosphere (Equation (16)). Upper and
lower panels are based on the model of a 0.7 M and a 0.2 M
ZAMS PopIII star, respectively (Section 2.1.1). The EUV compo-
nent is LEUV?,λ = 10
25 erg s−1 nm−1 for the both panels. The
plots are for representative elements, where carbon (C:red), oxy-
gen (O:blue), magnesium (Mg:green), iron (Fe:yellow), and calcium
(Ca:black) are drawn. For solid lines, we adopt vrel = 200 km s
−1
considering the relative velocity of the gas and stars from Shen
et al. (2016). For dotted lines, vrel = 20 km s
−1 is about the
velocity of the Sun against the local ISM.
elements are plotted in Figure 4. On the other hand, in
order to determine the rate by the EUV component, we
need to model both LEUV?,λ and R?. The normalization
βEUV,i in Equation (18) is given in Table 1. Accord-
ing to Equation (17), the plotted and tabulated βph?,i in
Figure 4 and Table 1 should be compared with ΩK? ∼ a
few × 10−3 rad s−1 on the bottom panel of Figure 2.
Some low ionization potential elements, lithium, alu-
minum, calcium, iron and so on, are predominantly ion-
ized by the stellar blackbody radiation and then we do
not need to take into account the EUV components. For
0.7 M PopIII stars (Teff ∼ 5700 K), most elements are
primarily ionized by the Wien’s tail of the blackbody ra-
diation rather than the EUV component. Even for 0.2
M PopIII stars (Teff ∼ 4100 K), lithium, sodium, mag-
nesium, aluminum, silicon, calcium, and iron are pre-
dominantly ionized by the blackbody radiation.
3.2.2. Survival Probability
The left-hand side of Equation (16) corresponds to the
‘survival probability’, i.e., the neutral fraction of NISPs
(e.g., Bzowski et al. 2013a). Figure 5 shows the radial
distribution of carbon, oxygen, magnesium, iron, and cal-
cium atoms (Equation (16)) for a 0.7 M ZAMS PopIII
star (upper panel) and for a 0.2 M ZAMS PopIII star
(bottom panel). For the case of a 0.7 M PopIII star,
oxygen (blue) has the largest and calcium has the small-
est survival probabilities among the five elements. How-
ever, magnesium is the largest for the case of a 0.2 M
PopIII star because oxygen and carbon are primarily ion-
ized by the EUV component βEUV?,i in this case. The
abundance ratio of the accreting medium will be signif-
icantly different from the surrounding ISM because the
survival probabilities at the stellar surface strongly de-
pend on elements and also stellar masses.
In Table 2, we show a table of log(n?,i/nISM,i) calcu-
lated with Equation (17). For vrel = 20 km s
−1, the
tabulated values almost correspond to the survival prob-
abilities at r = R? in Figure 5 (dotted blue line on the
upper panel and the dotted green line on the bottom
panel). For vrel = 200 km s
−1, the survival probabili-
ties (solid lines in Figure 5) become a bit higher than
the case of vrel = 20 km s
−1 (dotted lines in Figure
5). For vesc = 680 km s
−1 (0.7 M), the parentheses
of Equation (16) is
√
v2rel/v
2
esc? + 1 − vrel/vesc? ≈ 0.97
(vrel = 20 km s
−1) and 0.75 (vrel = 200 km s−1), respec-
tively. Only hydrogen, nitrogen, oxygen, fluorine and
noble gases have the survival probability of > 10−10 at
the surface of 0.7 M PopIII stars.
Shen et al. (2016) argued that BHL accretion of metal-
enriched gases onto low-mass PopIII stars can enrich
them −10 . [Fe/H]Shen . −2 with the median value
of ∼ −5. As already discussed in Section 2.2, the stellar
magnetosphere is safely formed in entire their evolution
so that only survived iron of NISPs would accrete onto
the stars. Although we studied only the one-dimensional
trajectory of a NISP, we may crudely estimate the accret-
ing iron abundance as [Fe/H]Shen + log(n?,Fe/nISM,Fe).
From Table 2, we find log(n?,Fe/nISM,Fe) < −12 and
then the iron enrichment by BHL accretion becomes
[Fe/H] < −14, which is far less than the observed val-
ues (e.g., Christlieb et al. 2004; Aoki et al. 2006; Caffau
et al. 2011; Keller et al. 2014; Frebel et al. 2015).
3.3. Discussion
3.3.1. Uncertainties of EUV component
The resultant survival probabilities depend on the as-
sumption on the specific intensity, especially the EUV
component of low-mass PopIII stars. However, since
lithium, aluminum, calcium, iron are primarily ionized
by the blackbody component, these elements hardly ac-
crete onto low-mass PopIII stars even for a smaller EUV
component than LEUV?,λ = 10
25 erg s−1 nm−1. On the
other hand, for some elements, such as oxygen and car-
bon in Figure 5, the weak EUV component may allow
them to attain the stellar surface.
3.3.2. Charge Exchange
NISPs are also suffered from ionization by charge ex-
change with stellar wind ions (mainly proton) and from
electron impact ionization by stellar wind electrons (c.f.,
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TABLE 2
The logarithm of the survival probability at the stellar surface log(n?,i/nISM,i) for different elements, where
LEUV?,λ = 10
25 erg s−1 nm−1.
Element our Sun 0.7Ma 0.7 M 0.6 M 0.5 M 0.4 M 0.3 M 0.2 M
i log(n?,i/nISM,i)
H −4.8 −1.6 −1.5 −1.7 −2.0 −2.5 −3.2 −4.6
He −3.9 −0.57 −0.64 −0.75 −0.90 −1.1 −1.4 −2.1
Li −8.4× 103 −8.4× 104 −2.3× 104 −4.4× 103 −1.2× 103 −5.1× 102 −2.7× 102 −1.1× 102
Be −3.2× 101 −1.9× 102 −3.0× 101 −4.1 −2.8 −3.2 −4.0 −5.7
B −2.6× 102 −7.6× 103 −1.3× 103 −1.4× 102 −3.8× 101 −3.0× 101 −3.3× 101 −4.5× 101
C −4.0× 101 −6.8× 101 −1.6× 101 −1.1× 101 −1.3× 101 −1.7× 101 −2.1× 101 −3.0× 101
N −1.6× 101 −4.9 −5.4 −6.2 −7.5 −9.4 −1.2× 101 −1.7× 101
O −1.6× 101 −3.9 −4.2 −4.8 −5.8 −7.3 −9.3 −1.3× 101
F −1.4× 101 −2.4 −2.7 −3.1 −3.8 −4.7 −6.0 −8.6
Ne −1.3× 101 −1.5 −1.6 −1.9 −2.3 −2.9 −3.7 −5.3
Na −2.4× 102 −2.1× 103 −6.2× 102 −1.4× 102 −4.0× 101 −1.8× 101 −1.0× 101 −4.3
Mg −2.3× 101 −1.8× 103 −3.5× 102 −4.0× 101 −8.2 −3.9 −3.0 −3.1
Al −6.2× 104 −8.2× 105 −2.1× 105 −3.5× 104 −8.6× 103 −3.6× 103 −1.8× 103 −7.4× 102
Si −7.8× 102 −3.6× 104 −6.6× 103 −6.9× 102 −1.6× 102 −1.0× 102 −1.0× 102 −1.3× 102
S −1.1× 102 −5.5× 102 −9.4× 101 −3.7× 101 −4.0× 101 −5.0× 101 −6.4× 101 −9.1× 101
Ar −2.2× 101 −9.2 −1.0× 101 −1.2× 101 −1.4× 101 −1.8× 101 −2.3× 101 −3.3× 101
Ca −4.3× 103 −8.9× 104 −2.2× 104 −3.7× 103 −8.8× 102 −3.6× 102 −1.9× 102 −7.6× 101
Fe −7.5× 101 −3.4× 103 −6.5× 102 −7.5× 101 −1.8× 101 −1.2× 101 −1.2× 101 −1.5× 101
a Calculated for a 0.7 M star at an age of 13.8 Gyr.
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Fig. 6.— The rate coefficients of charge exchange processes with
neutral atom and proton (X + H+ → X+ + H). Data for Li is
taken from Barnett (1990) and for the others are from Cummings
et al. (2002). We are interested in the relative velocity of ∼ vsw? =
400 km s−1. The right scale is the ionization rate by the charge
exchange process at the solar surface βcx,i ≡ σcx,ivrelnsw.
Zank 1999). These processes increase the total ioniza-
tion rate and make the metal enrichment more difficult.
In the case of the heliosphere, the charge exchange is
the dominant ionization process only for the hydrogen,
while the heavy elements are primarily photoionized (c.f.,
Cummings et al. 2002; Bzowski et al. 2013a). However,
if the EUV component of the stellar radiation is signifi-
cantly weak, these processes will play an important role
for some elements.
Figure 6 is a plot of the rate coefficients of the charge
exchange between a neutral atom X and a proton (X +
H+ → X+ + H). The cross section σcx,i is a function of
the relative velocity of the particles w (w = vrel + vsw?
for head-on collision of NISPs and stellar wind plasma),
where the rate coefficient ≡ σcx,iw is found on the left
scale of the plot. In order to estimate the ionization
rate by the change exchange, we need the density and
velocity profiles of the stellar wind of low-mass PopIII
stars. The right scale of Figure 6 is βcx,i ≡ σcx,iwnsw
for reference, and the values are comparable to βph,i
on the right panel of Figure 3. Note that the charge
exchange cross section for the neutral iron is not studied
in the relative velocity of our interest (c.f., Patton et al.
1994).
4. GENERAL DISCUSSION
In this paper, we only study metal accretion in gas
phase. Some of heavy elements are contained in dust
and this could accrete, if angular momentum of the dust
is successfully extracted. Otherwise, the accretion cross
section is just a geometrical cross section. In addition,
Johnson (2015) discussed that the radiation pressure
force prevents the accretion of the dust whose grain size
ranges ∼ 10−2 − 1 µm. The dust distribution inside
the heliosphere has also been studied and some stud-
ies suggest that charging of dust particles also plays a
role to prevent penetrating into the inner magnetosphere
(Bertaux & Blamont 1976; Levy & Jokipii 1976; Mann
2010). More detailed studies for the dust accretion is left
for future studies.
Talbot & Newman (1977) adopted the condition
RTS > ξBHL( R?) rather than RTS > R? to ob-
tain the critical density ncrit (Equation (5)). They ar-
gued that there is no stable radius where the ram pres-
sures of the wind and the accretion flow balances be-
tween R? and ξBHL = R?(vesc/vrel)
2. However, they as-
sumed the spherical free-fall trajectory of the accretion
flow nv2 ∝ r−5/2 at r < ξBHL, and did not consider the
axisymmetric trajectory of Equation (2). Both of the
spherical and axisymmetric trajectories will be modified
by including the interactions of neutrals in the accretion
flow with the stellar wind. For example, Wallis (1971)
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and Holzer (1972) discussed a shock-free magnetosphere
because of gradual deceleration and heating of the wind
by NISPs.
Accretion onto objects which have a wind mass loss
requires further discussion to determine ncrit even with-
out neutrals. BHL accretion takes place even from
the downwind direction (e.g., Shima et al. 1985; Ruf-
fert 1996). The accretion flow might be compressed by
forming shock behind the star and by radiative cooling.
The cooled dense gas may accrete onto the star from the
magnetotail region and the density, and thus the ram
pressure, of accreting flow might effectively exceed ncrit.
However, the flow pattern of BHL accretion itself should
be modified by the existence of the stellar wind, for ex-
ample, the accretion shock region behind the star might
be further away from the star than the case without the
stellar wind. We need further studies for BHL accretion
of the mostly neutral ISM including interactions with the
stellar wind.
The stellar wind model adopted in the present paper
is based on the studies of nearby low-mass MS stars.
Even for low-mass MS stars, more observational con-
straints are required to develop a model of their wind,
although there are some comprehensive numerical stud-
ies (e.g., Pinto et al. 2011; Cranmer & Saar 2011; Cohen
& Drake 2014; Johnstone et al. 2015a,b; Johnstone 2017;
Re´ville et al. 2015). In addition to the magnetic and ro-
tation activities of stars, the radiative cooling processes
of the stellar atmosphere could be different between the
observed low-mass MS stars and low-mass PopIII stars,
and thus the wind properties would be significantly af-
fected (e.g., Suzuki & Inutsuka 2005, 2006; Matsumoto
& Suzuki 2014). Further studies of the stellar wind from
low-mass PopIII stars itself are also required.
As discussed in Section 2, low-mass PopIII stars main-
tain the magnetosphere around them in most of their
life. In the presence of the magnetosphere, photoion-
ization of NISPs reduces metal enrichment by accretion
to undetectable level [Fe/H] < −14 (Frebel et al. 2009),
while the abundance of nitrogen, oxygen, fluorine and
noble gases can be higher than the other elements. For
accretion from an overdense region, Johnson & Khoch-
far (2011) gives one-tenth of low-mass PopIII stars can
be metal-enriched to the observed lowest [Fe/H] ∼ −5.
In other words, if the three stars of [Fe/H] < −5 were
such lucky low-mass PopIII stars (Christlieb et al. 2004;
Aoki et al. 2006; Frebel et al. 2015), we expect that at
least thirty metal free stars should have been observed
till now but we have not. Combining these results, it
is difficult to interpret the observed metal poor stars as
metal-enriched low-mass PopIII stars. Thus, the obser-
vations of metal poor stars indicate the top-heavy IMF
for PopIII (Hartwig et al. 2015; Ishiyama et al. 2016).
5. CONCLUSIONS
The effects of the stellar wind on the metal accretion
onto low-mass PopIII stars are investigated. We model
the stellar wind and radiation of low-mass PopIII stars
based on the observations of the heliosphere and some
low-mass stellar systems close to the Sun. The distri-
bution of the local interstellar neutral atoms in the he-
liosphere has been extensively studied and we apply the
similar but fairly simplified discussion to low-mass PopIII
stars. We find that the metal enrichment by BHL accre-
tion of the ionized ISM against their stellar wind rarely
happens. Although the neutrals can penetrate into the
magnetosphere, most neutral atoms are ionized before
reaching the stellar surface and will be picked up by the
stellar wind which blows the interstellar heavy elements
away to the outer magnetosphere.
Formation of magnetosphere plays a crucial role in the
present results. We find that stars moving dense region
of & 104 cm−3 would be ceased to form the stellar mag-
netosphere and be metal enriched by accretion. However,
such dense region occupies a small fraction of the volume
of the Galaxy. It is hardly expected for low-mass PopIII
stars to go through the dense cloud and the magneto-
sphere is formed around low-mass PopIII stars in most
of their life.
We also consider metal enrichment by neutrals in the
ISM, because they do not interact electromagnetically
with the stellar wind plasma. However, once the stel-
lar magnetosphere is formed, the neutral interstellar
heavy elements in gas phase hardly accrete onto low-mass
PopIII stars because of photoionization. Although some
studies predict that the chemical enrichment by BHL
accretion accomplishes [Fe/H] ∼ −2 in extreme cases,
the accretion rate of the interstellar iron is reduced by
< 10−12 times, i.e., [Fe/H] ∼ −14 even in the extreme
case.
The chemical enrichment by BHL accretion is unlikely
to explain the observations of the metal poor stars, i.e.,
they are born with the present element abundances. In
other words, low-mass PopIII stars remain pristine to be
found as metal free stars.
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